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HST

Stars have bubbles around them: 
astrospheres



These Astrospheres Protect Life
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Our Heliosphere is the only case we know of a habitable 
astrosphere –



The Heliosphere Shields 75% of Cosmic Rays (up to 
1GeV) from Milky Way Galaxy
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Outer Heliosphere
(BATS-R-US)

Particle Tracker
(AMPS)

np, vp, B, Tp 

Sρ, Sρv, Sε

Plasma Neutrals

Cosmic Ray Diffusion in the HS

The heliosphere shields 
>75% of the cosmic rays 
from the Milky Way

Cosmic Ray measurements at Voyager 1

Heliosheath
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Credit: Ed Stone

• Galactic cosmic rays 
(GCRs) - highly 
energetic charged 
particles that permeate 
the ISM

• Harmful to us 
– Damaging to satellites 
– major obstacle to long 

term human spaceflight

• 75% of GCRs entering 
the heliosphere are 
shielded by the HS



Voyager 1 in the north
Voyager 2 in the south 

Global maps
of Energetic Neutral Atoms 
(IBEX, Cassini)

In-situ data



A Sheath Dominated Thermodynamically by Pickup 
Ions 

Richardson et al. Nature 2005

• Shock is much colder than 
expected

• ~ 80% of the energy goes into 
supra-thermal particles

Discovery of a new paradigm:

Pickup ions carry most of the 
pressure



Puzzles in the Heliosheath

VERY different flows at Voyager 1 and 2 
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Concepts of the Heliosphere
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Two limiting cases of the shape of the heliosphere; from Parker (1961) 

Weak Interstellar Magnetic Field Strong Interstellar Magnetic Field 



Working Paradigm
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15,160 BARANOV AND MALAMA: MODEL OF SOLAR WIND/LOCAL INTERSTELLAR MEDIUM INTERACTION 

method (the results of the third step practically coincide with the 
results of the fourth one). Figure 2 demonstrates the 
geometrical pattern of the flow (shocks, heliopause, wake or tail 
structure, and sonic lines) in the XOZ plane, where the Oz axis 
coincides with axis of symmetry and is antiparallel to the vector 
of the LISM's velocity V, (the Sun is in the center of 
coordinate system). The Ox axis is normal to the Oz axis. The 
solid lines are our results for the H atoms number density nil, 
-- 0.14 cm -3 in the unperturbed LISM, while the dotted lines are 
those for nil, - 0. One can see from Figure 2 that neutral H 
atoms, moving from the LISM to the solar system, have 
important effect on the pattern of the flow. The interface region Vsw 
(between the bow shock BS and the termination shock TS) is 
shit•ed toward the Sun by resonance charge exchange processes. vo. 

The H atoms-plasma coupling in the tail region of the solar 20- 
wind plasma results in the decrease of the Vz component and 
temperature by the factors of • 7 and • 4 respectively. It 
leads to the decrease of the Maeh number from • 2.1 to • 
0.6 (near the heliopause). We have performed also such 
calculations in the gasdynamical approximation similar to that of 

10- Baranov et al. [1981], but for all region 0 < 0 < •r. 
Results of these Monte Carlo and gasdynamical calculations 
agree qualitatively, but the quantitative effect in the latter ease 
is substantially smaller due to neglecting of the secondary H 
atoms. As a consequence the complicated structure of the tail 
flow at nil, = 0, consisting of reflected shock (RS), tangential 0 - 
discontinuity (TD), and termination shock turning into the Mach 
disc (MD) at point A (Figure 2), disappears at na, =0.14 em 4, 
and the flow in the all region between HP and TS is subsonic in 
this ease. One can also see that for n., = 0.14 em -• the 
helioeentrie distance of the termination shock in the upwind 
direction (0 = 0, where 0 is the polar angle counted of the Oz 
axis) is about 2.5 times less than that in downwind direction (0 
= 180ø), i.e., about 100 AU and 250 AU respectively (Figure 
2). This ratio as well as the helioeentrie distances is larger, if 
nil, = 0. P sw 

There are two physical aspects of the neutrals-plasma 
interaction: the influence of H-atoms on the distribution of Po• 
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Fig. 2. Geometrical pattern of the interface. Results of the numerical 
calculations for nu. = 0 (1) and nu. = 0.14 cm" (2); curves (3) are 
the sonic lines. Positions of bow shock (B5), termination shock (T5), 
hellopause (HP), reflected shock (RS), tangential discontinuity (TD), and 
Mach disc (MD) are shown. 

plasma component parameters and the influence of 
hydrodynamic plasma flow on the penetration of H atoms into 
the solar wind. Figures 3 and 4 show distributions of plasma 
component parameters (velocity and number density) as a 
function of the helioeentrie distance for polar angles 0 = 0 
(upwind direction) and 0 = 90 ø. The location of the 
heliopause HP separates the left scale (for solar wind 
parameters) and the right scale (the parameters of the LISM 
plasma component). The effect of the neutral solar wind 
H-atoms (Hsw), considered fzrst time by Gruntman [1981], is 

TS HP 

TS HP BS 

=90 ø 
=0 ø 

BS VLISI• 

Vo• 
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-o 

' ' 4bo ' ' 6OO 
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Fig. 3. Velocities of the solar wind and the LISM's plasma component 
as functions of heliocentric distance r for polar angle 0=0 and 
0=90ø; respective positions of TS, HP, and B5 are shown by arrows. 
The location of the heliopause HP separates the leR scale (for solar wind 
parameters) and the fight scale (for parameters of the LISM plasma 
component). 

lO, 

lO -2 

TS HP 0 =90 ø BS 
TSHP BS 0 =0 ø 

/ 
/ 

=0 ø 
=90 ø 

PLIS• 

2.0 

1.5 

1.0 

' 2bo ' ¾oo ' 6bo 
r (a.u.) 

Fig. 4. Densities of the solar wind and the LISM's plasma component 
as functions of h½liocentric distance r for of polar angle 0=0 and 
0=90ø; respective positions of TS, HP, and B5 are shown by arrows. 
The location of the hellopause HP separates the left scale (for solar wind 
parameters) and the right scale (for parameters of the LISM plasma 
component). 

Baranov & Malama (1993) – Hydrodynamic calculations
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INCA ENA spectra / Nose and Anti-nose symmetry 
between 2003-2009 (from Dialynas et al. 2017)



“Tailless Heliosphere” (Dialynas et al. 2017)

12 May, 2016 Cassini/MAPS-UoM at Ann Arbor 13

May 5 issue, 2017
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Figure 6. Same as Figure 2, but centered on the downwind direction; a common
color bar is used in both figures.
(A color version of this figure is available in the online journal.)

3. DISCUSSION

To summarize the observational features, the heliotail in-
cludes a broad low- to mid-latitude structure, which has an
excess of lower energy ENAs (< 1 keV) and a deficit at higher
energies (> 2 keV), producing a relatively steep power law en-
ergy spectrum (γ = 2–3) compared to the rest of the sky. This
structure is large, spanning nearly 180◦ in longitude, but appears
latitudinally thinner in the middle and at the edges in the IBEX
ENA observations, and thus, we describe it as having two lobes.

The lobes are roughly centered on the downwind direction, and
the port lobe appears somewhat larger than the starboard one.
Overall, the two-lobe structure is tilted in the sense of the ex-
ternal magnetic fields, but at only a fraction of the angle of
that field. Emissions from both lobes are centered closer to the
downwind direction with increasing energies across the ENA
energy bands centered at 1.7, 2.7, and 4.3 keV.

Unlike the IBEX ribbon, which may well come from ENA
emissions beyond the heliopause (e.g., from a “secondary ENA
source; McComas et al. 2009b; Heerikhuisen et al. 2010; Chalov
et al. 2010; Schwadron & McComas 2013), emissions from the
heliotail are almost certainly coming from the region beyond
the termination shock, but still inside the heliopause, just as
they do for the rest of the globally distributed flux (McComas
et al. 2009b; Schwadron et al. 2011). Ecliptic ordering of the
heliotail structure clearly indicates the imprint of the solar
wind’s latitudinal structure in these emissions. The generally
steeper power law spectral distributions at low to mid-latitudes
compared to higher latitudes is consistent with a solar wind
latitudinal structure around solar minimum, with fast, tenuous
solar wind from large circumpolar coronal holes at high latitudes
and slower and denser solar wind at lower latitudes (McComas
1998; McComas et al. 2008).

Figure 8 shows a highly schematic diagram of the notional
heliotail configuration (a) in the noon–midnight meridian and
(b) as viewed looking down the tail, compared to (c) the ENA
spectral slope observations from Figure 5. In this figure, for solar
minimum conditions, faster wind from the high latitude regions
largely fills the north and south regions of the tail. In contrast, a
broad “slow solar wind plasma sheet” should run longitudinally
across the tail, comprising both the port and starboard lobes.
Slow wind initially headed in the upwind direction should also
fill a thin layer just inside of the heliopause as shown. We note
that while the structure in Figure 8 is visually reminiscent of a
cut through Earth’s magnetotail, the regions and their physical
sources are quite different.

Solar wind ions in the inner heliosheath are lost through
charge exchange—this is actually the signal that IBEX ob-
serves. A typical distance to lose 1/e of the slow solar wind
ions in the inner heliosheath/tail is ∼ 120 AU (“cooling dis-
tance” from Schwadron et al. 2011); in the fast wind, the
comparable distances should be roughly twice as long. This
mechanism produces a heliotail where different portions of the
tail have different lengths and effectively “evaporates” almost
all of the tail ions within ∼ 1000 AU. Thus, in Figure 8, we
also schematically indicate this process by the fading out of
the heliospheric tail ions. We note that at greater distances,
the tail should “pinch” in as the external magnetic and parti-
cle pressures continuous to push in from the sides. Of course,
ENAs also continue to re-ionize and re-neutralize over the
scales of hundreds of AU, so there should be a broader down-
wind region of coupled heliospheric and interstellar ions and
neutrals in an extended “wake” region behind the heliosphere
(not shown).

Comparing the low to mid-latitude ENA emissions at various
longitudes, the directions down the tail are the steepest, with
the largest fluxes of low energy ENAs and smallest fluxes of
high energy ones. We attribute this to the continued slowing of
the bulk solar wind heading toward the tail, owing to continued
addition of pickup ions. In the upwind direction, it takes typical
∼ 400 km s− 1 slow solar wind about one year to reach the
termination shock at ∼ 100 AU. By this time, the addition of
pickup ions has slowed the solar wind flow ∼ 50 km s− 1 to

5

McComas et al. 2013



Models don’t agree on the shape

Izmdenov et al. 2015 Opher et al. 2015; 2019 Pogorelov et al. 2015



Previous assumption is 
that the solar magnetic 
field has a negligible role 

Probably because in the 
heliosheath, the plasma 
b =PT/PB >> 1

equations with corresponding source terms describing neutral-
ion charge exchange.

The inner boundary of our domain is a sphere at 30 AU and
the outer boundary is at x = ±1500 AU, y = ±1500 AU,
z = ±1500 AU. Parameters of the solar wind at the
innerboundary at 30 AU are vSW = 417 km s−1,
nSW = 8.74 × 10−3 cm−3, TSW = 1.087 × 105 K (OMNI solar
data, http://omniweb.gsfc.nasa.gov/). The Mach number of the
solar wind is 7.5 and is therefore super-fast magnetosonic.
Therefore, all the flow parameters can be specified at this
boundary. The solar wind magnetic field is given by Parker
(1958),
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where R0 is the inner boundary at 30 AU, vSW is the solar wind
speed with the radial component BSW= 7.17 × 10−3 nT at the
equator at 30 AU, Θ is the polar angle of the field line, and Ω is
the equatorial angular velocity of the Sun. We assume that the
magnetic axis is aligned with the solar rotation axis.

The solar wind flow at the inner boundary is assumed to be
spherically symmetric. For the interstellar plasma, we assume
vISM = 26.4 km s−1, nISM = 0.06 cm−3, TISM = 6519 K. The
number density of H atoms in the ISM is nH = 0.18 cm−3; the
velocity and temperature are the same as for the interstellar
plasma. The coordinate system is such that the z-axis is parallel
to the solar rotation axis and the x-axis is 5° above the direction
of interstellar flow, with y completing the right-handed
coordinate system. The grid was made up of 6.05 × 107 cells
ranging in size from 0.37 AU at the inner boundary to
93.75 AU at the outer boundary. The tail region in the
heliosheath had a resolution of 0.7 AU all the way to
x = 1000 AU in the deep tail. The case with BISM was run to
480,000 time steps, which corresponds to 659 yr. The case with
no BISM was run to 660,000 time steps, which corresponds to
865 yr.

The strength of the BISM in the model is 4.4 μG. The
orientation of BISM continues to be debated in the literature.
The orientation of BISM is defined by two angles, αBV and βBV.
αBV is the angle between the interstellar magnetic field and the
flow velocity of the interstellar wind, and βBV is the angle
between the BISM–vISM plane and the solar heliographic
equator. To account for the heliospheric asymmetries, such as
the different crossing distances of the termination shock by V1
and 2, a small value of αBV ∼ 10–20° is required (Izmodenov
et al. 2009; Opher et al. 2009). Other studies (Chalov et al.
2010; Heerikhuisen & Pogorelov 2011) have used the observed
shape and location of the IBEX ribbon to constrain the
magnitude and orientation of BISM. However, such constraints
are sensitive to the specific model of the IBEX ribbon, which
continues to be uncertain. In any case, for this study the exact
direction of BISM and its intensity are not important.

3. SOLAR MAGNETIZED JETS

We performed 3D MHD simulations showing that the
heliosphere does not have a comet-like structure. The solar
magnetic field was chosen to be unipolar (Opher & Drake
2013) to avoid artificial numerical magnetic reconnection at the
nose as well as in the solar equator across the heliospheric
current sheet. We also present a simulation with an interstellar

wind but with no interstellar magnetic field to avoid artificial
reconnection at the heliopause interface.
Even with no interstellar magnetic field the heliosphere

develops a two-lobe structure organized by the solar
magnetic field (Figures 1(a)–(c)). The lobes survive due to
the resistance of the solar magnetic field to being stretched.
The magnetic tension force must therefore be sufficiently
strong to collimate the jets. To show this, we estimate the
tension on a field line with a radius of curvature R as

�� _∣ ∣B BF π B π R· 4 ( 8 )(2 )tension
2 . Ftension ∼ 2 PB/R,

where PB is the magnetic pressure. The force stretching the
magnetic field due to the flows is S �_ _∣ ∣v vF · 2streatching

S L S_ _v v R P R2 2v
2 2

ram , where κv is like the curvature
with κ ∼ 1/R and Pram is the ram pressure. So, the ratio
between the two forces Fstreatching/Ftension ∼ Pram/2PB, which
is <1 down the tail past the termination shock (Figure 1(d)).
Thus, the magnetic tension (hoop stress) is sufficient to resist
the stretching by the flows and can collimate jets. The result
is a tail divided in two separate plasmas confined by the solar
magnetic field (Figures 1(a) and (c)). The two lobes are
separated by the pressure of the interstellar plasma that flows
around the heliosphere and into the equatorial region
downstream of the heliosphere (Figure 1(a)). This behavior
can be seen in Figure 1(f) where the meridional flows Uy

are shown and the ISM streamlines flow between the two
lobes in Figure 1(a). Thus, the interstellar wind is not
sufficiently strong to force the north and south lobes of the
heliosphere to merge together to form a comet-like structure.
The thermal pressure from the ISM balances the magnetic
and plasma pressure in the lobes in the y–z plane in the down-
tail region.
In the heliosheath the plasma pressure is generally much

higher than the magnetic pressure, so it might seem surprising
that the magnetic field controls the formation and structure of
the jets. There are two factors that explain why the magnetic
field and specifically the tension forces are critically important.
First, due to the expansion of the plasma as it flows from the
termination shock out toward the heliopause, the plasma
pressure drops until the two pressures are comparable.
Figure 3(a) shows the ratio between the two pressures in a
cut in the meridional plane (y = 0). Immediately after the
termination shock the gas (thermal) pressure dominates (by
almost an order of magnitude), but further out it becomes
weaker due to expansion. Thus, the ratio of the magnetic to
thermal pressure increases. Near the heliopause the system
approaches approximate equipartition. On the other hand,
equipartition is not a requirement at the heliopause boundary.
The ratio between the magnetic to thermal pressure at the
heliopause depends on the value of the interstellar pressure
compared with the thermal pressure downstream of the
termination shock (see for example the plasma and magnetic
profiles for the Crab in Figure 1 of Begelman & Li 1992).
Second, even in a high-β heliosheath it is the magnetic tension
force that controls the total pressure drop from the termination
shock to the heliopause. This was also noted in calculations
related to the Crab Nebula (Begelman & Li 1992). Since there
is no tension force along the axis, this same axial pressure drop
is balanced by the inertia associated with the generation of the
axial flow. This can be shown in a rigorous analytic calculation
of the structure of the heliosheath and associated flow (J. F.
Drake et al. 2015, in preparation). Similar forces have been

2
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Ω: stellar rotation rate
Θ: polar angle

Interplanetary Magnetic 
Field



Solar Magnetic Field is the backbone of the 
heliosphere

17

The Solar Magnetic field is not passive but instead (tension force) 
collimates  the heliosheath flow in two jets (Opher et al. 2015; Drake et 
al. 2015)



Solar Wind Confinement 

The solar magnetic field lines (gray) are shown in panels (a) and (b) in two different models. (c) Solar wind mass 
flux (rhp v) projected on a closed surface located in the inner heliosheath at equal distances from the heliopause 
– model (A) has no solar magnetic field and model B has solar magnetic field. White curves are the projections of 
the solar magnetic field. 

be changed. However, in this case, the modified (due to the
proposed modification of the V¥ direction by about 5°
azimuthally) HDP is at about 30° to the HDP derived from
SOHO SWAN observations. This troubling discrepancy has
been reconciled by McComas et al. (2015), who showed that
the error bars on the IBEX measurements allow the preserving
of the V¥ direction from Ulysses measurements while
increasing the LISM temperature from 6250 K to ∼8000 K.
In this case, the BV-plane again can be considered to be nearly
parallel to the HDP.

Heerikhuisen & Pogorelov (2011), Heerikhuisen et al.
(2014), and Zirnstein et al. (2015) have demonstrated that the
shape of the ribbon depends on the angle between V¥ and B ,¥
and on the magnitude of B .¥ This dependence is not as strong
as that on the BV-plane angle to the HDP plane. The correlation
between the directions toward the ribbon and the lines of sight
perpendicular to the ISMF draped around the HP is clearly seen
both in MHD-kinetic (Pogorelov et al. 2008, 2009b; Heer-
ikhuisen et al. 2010) and fluid-neutral simulations (Ratkiewicz
et al. 2012; Grygorczuk et al. 2014). Funsten et al. (2013) show
that the IBEX ribbon is rather circular, although this is not a
great circle on the celestial sphere, and the direction of B¥ is
almost toward the ribbon center. In simulations, the deviation is
different for different ISMF strengths and directions, but
depends very little on particle energy. Additionally, it is clear
that the B R 0· = surface, where the ribbon ENAs are born in
the model, approaches the plane B R 0· =¥ , with the increase
of B ,¥ i.e., for stronger ISMF, the ribbon approaches the great
circle (Pogorelov et al. 2011). Since in reality the ribbon half-
angle is about 74° (Funsten et al. 2013), magnetic fields greater
than 3 Gm should possibly be excluded. Zank et al. (2013)
arrive at the same conclusion by analyzing the Lyα absorption
in directions to nearby stars.

Voyager 1 crossed the HP in 2012 and started measuring the
ISMF strength in the draped region (Burlaga et al. 2013).
Although these are one-point-per-time measurements, they also
provide restrictions on the direction and strength of B .¥ For
example, the numerical simulations of Pogorelov et al. (2009b)
provided B R 0· = directions that were consistent with the
IBEX ribbon (McComas et al. 2009; Frisch et al. 2010). The
same choice of the LISM properties also reproduced the
elevation and azimuthal angles in the ISMF beyond the HP (see
Pogorelov et al. 2013a; Borovikov & Pogorelov 2014). On the
other hand, the HP instability simulation of Borovikov &
Pogorelov (2014), which used the LISM properties from
Bzowski et al. (2012), overestimated the elevation angle.

Additionally, restrictions on the LISM properties can be
derived (Desiati & Lazarian 2013; Schwadron et al. 2014;
Zhang et al. 2014) by fitting the anisotropy of 1–10 TeV
cosmic rays observed in air shower observations by the Tibet,
Milagro, Super-Kamiokande, IceCube/EAS-Top, and ARGO-
YGB teams (see the references in Zhang et al. 2014).
According to Zhang et al. (2014), modifications to the
unperturbed ISMF produced by the presence of the HP affect
TeV cosmic rays in a way that is consistent with observations,
but require large computational regions, especially for higher
energies. Additionally, Lazarian & Desiati (2010) point out that
ion acceleration due to reconnection in the heliotail may affect
observed anisotropies.

For the reasons described above, heliotail simulations are
very important, especially because there is no way to view the
heliotail’s structure from outside. On the other hand, jets and

collimated outflows are ubiquitous in astrophysics, appearing
in environments as different as young stellar objects, accreting
and isolated neutron stars, stellar mass black holes, and
supermassive black holes at the centers of active galactic

Figure 1. MHD-plasma/kinetic-neutrals simulation of the SW–LISM interac-
tion with the boundary conditions from Zank et al. (2013). (Top panel) Plasma
density distribution in the solar equatorial plane. The black lines outline the fast
magnetosonic transition, i.e., the plasma flow is subfast magnetosonic between
these lines. (Middle panel) The shape of the heliopause for two different ISMF
strengths is shown (yellow and blue for B 3 Gm=¥ and 4 μG, respectively).
(Bottom panel) HMF line behavior initially exhibits a Parker spiral, but further
tailward it becomes unstable. Also shown are ISMF lines draping around the
heliopause. The distribution of the plasma density is shown in the semi-
transparent equatorial plane.

2

The Astrophysical Journal Letters, 812:L6 (7pp), 2015 October 10 Pogorelov et al.

the inner heliosheath. The surface has been constructed by
adding a fixed distance to the TS distance in any given
direction. The distance has been chosen as 39 AU for Model 1
and 50 AU for Model 2. The difference in the distances chosen
for Models 1 and 2 is connected with the different widths of the
inner heliosheath in the models. Figure 6 presents the solar flux
plotted for Model 1 and Model 2. Any point on the surface is
characterized by two spherical angles θ and f. The angle θ is
counted from the Z-axis (i.e., from the upwind direction), while
the angle f is counted from the X-axis in the XY plane.

Panel (1) in Figure 6 demonstrates the SW mass flux in the
case of Model 1 when HMF is not taken into account. It is seen
that the mass flux reaches its maximum for θ ∼ 100°–110° and
f ∼ 180o. This nearly crosswind direction corresponds to the
direction through which all of the solar mass flux from the
upwind hemisphere passes into the tail. The maxima at f ∼
180o corresponds to that part of the (BV) plane where the
distance between the TS and HP is minimal. Conversely, panel
(2) demonstrates that there are two mass-flux maxima (i.e., jets)
in the north and south directions. These jets are clear results of
the magnetic tension. Therefore, in this respect, our model

results in qualitative agreement with the conclusion of Opher
et al. (2015).
However, the conclusion on the tube-like shape of the

heliopause made by Opher et al. (2015) is not supported by our
calculations. The exact reasons for this will be explored in
future studies. Here, we speculate on two possibilities. The first
is connected with effects of charge exchange of solar protons
and interstellar H atoms. In the axisymmetric model of Drake
et al. (2015), where the spherically symmetric SW flows into
the unmagnetized LISM resting with respect to the Sun, the
axis of symmetry is the north–south pole axis. Due to the
symmetry in any plane containing the axis of symmetry, there
is a stagnation point at equator. Therefore, in 3D space, the
stagnation line (i.e., the line of stagnation points) at the
heliopause is a circle in the solar-equatorial plane. Since the
tube-like structure remains in the case of Opher et al. (2015)
when the relative Sun/LISM motion is taken into account, the
stagnation line still exists, although it is deformed and not
necessarily located in the equatorial plane. The interstellar H
atoms penetrate into the stagnation line vicinity and begin
charge exchange with the protons. As a result of the charge

Figure 6. Solar wind mass flux (ρV) projected on a closed surface located in the inner heliosheath at equal distances from the heliopause: (A) Model 1 with no HMF,
(B) Model 2. The angles θ and f are defined in the text. Black curves are the projections of the streamlines into the surface. White curves are the projections of the
heliosheric magnetic field lines.

9

The Astrophysical Journal Supplement Series, 220:32 (14pp), 2015 October Izmodenov & Alexashov



19

Pickup Ions Solar Wind

Opher et al. 
2018

Multi-Ion MHD



A Predicted Smaller Rounder Heliosphere
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ISM

300 AU

300 AU

Dialynas et al. 2017

The round heliosphere has distances from the Sun to the heliopause similar in all directions 

Opher et al. 2018



The medium ahead of the Heliosphere in the ISM is 
disturbed by the Heliosphere

Curtesy of D. Gurnett
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Spectrum of Turbulence in the Local Interstellar Medium

Curtesy of L. Burlaga

Driven at smaller scales than thought – 2000AU; at least 
at these distances close to the Heliopause
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Solar Like Magnetic Field Ahead of the Heliosphere




